
Rosh hashanah event: Spin constraints on the 
merger time of the progenitor 

 
 

 

Doron Kushnir (Weizmann) 

with Matias Zaldarriaga (IAS), Juna Kollmeier (Carnegie Obs.),        
Roni Waldman (HUJI) 

 

2.9.2017 



What are the progenitors of BH+BH? 



What are the progenitors of BH+BH? 
§  Many possibilities 



What are the progenitors of BH+BH? 
§  Many possibilities 

§  Only one channel directly observed 



What are the progenitors of BH+BH? 
§  Many possibilities 

§  Only one channel directly observed 



What are the progenitors of BH+BH? 
§  Many possibilities 

§  Only one channel directly observed 

IC 10 



What are the progenitors of BH+BH? 
§  Many possibilities 

§  Only one channel directly observed 

§  IC 10 X-1 is BH+WR system IC 10 

– 3 –

Solar Density ⇡ M�

R3
�

⇡ 1
gm
cc

(1)

ve ⇡

s
GM�

R�
⇡ 1000

km
sec

) 10
keV
mp

(2)

GeV
mp

⇡ c2;
MeV
mp

⇡
✓
104

km
sec

◆2

(3)

v =
��

�
c ⇠ 25

650
c ⇠ 104 km s�1 ) MeV

mp
(4)

P ⇠ 35 hours, MBH ⇠ MWR ⇠ 30M� (5)

REFERENCES

Abbott, B. P., Abbott, R., Abbott, T. D., et al. 2016, Physical Review Letters, 116, 061102

This preprint was prepared with the AAS LATEX macros v5.2.



What are the progenitors of BH+BH? 
§  Many possibilities 

§  Only one channel directly observed 

§  IC 10 X-1 is BH+WR system IC 10 

– 3 –

Solar Density ⇡ M�

R3
�

⇡ 1
gm
cc

(1)

ve ⇡

s
GM�

R�
⇡ 1000

km
sec

) 10
keV
mp

(2)

GeV
mp

⇡ c2;
MeV
mp

⇡
✓
104

km
sec

◆2

(3)

v =
��

�
c ⇠ 25

650
c ⇠ 104 km s�1 ) MeV

mp
(4)

P ⇠ 35 hours, MBH ⇠ MWR ⇠ 30M� (5)

REFERENCES

Abbott, B. P., Abbott, R., Abbott, T. D., et al. 2016, Physical Review Letters, 116, 061102

This preprint was prepared with the AAS LATEX macros v5.2.

§  This system will become BH+BH 
and merge within a few Gyr 



What are the progenitors of BH+BH? 
§  Many possibilities 

§  Only one channel directly observed 

§  IC 10 X-1 is BH+WR system IC 10 

– 3 –

Solar Density ⇡ M�

R3
�

⇡ 1
gm
cc

(1)

ve ⇡

s
GM�

R�
⇡ 1000

km
sec

) 10
keV
mp

(2)

GeV
mp

⇡ c2;
MeV
mp

⇡
✓
104

km
sec

◆2

(3)

v =
��

�
c ⇠ 25

650
c ⇠ 104 km s�1 ) MeV

mp
(4)

P ⇠ 35 hours, MBH ⇠ MWR ⇠ 30M� (5)

REFERENCES

Abbott, B. P., Abbott, R., Abbott, T. D., et al. 2016, Physical Review Letters, 116, 061102

This preprint was prepared with the AAS LATEX macros v5.2.

§  This system will become BH+BH 
and merge within a few Gyr 

§  The inferred rate is (with 
NGC300 X-1) 

– 3 –

Solar Density ⇡ M�

R3
�

⇡ 1
gm
cc

(1)

ve ⇡

s
GM�

R�
⇡ 1000

km
sec

) 10
keV
mp

(2)

GeV
mp

⇡ c2;
MeV
mp

⇡
✓
104

km
sec

◆2

(3)

v =
��

�
c ⇠ 25

650
c ⇠ 104 km s�1 ) MeV

mp
(4)

P ⇠ 35 hours, MBH ⇠ MWR ⇠ 30M� (5)

⇠ 100Gpc�3 yr�1 (6)

REFERENCES

Abbott, B. P., Abbott, R., Abbott, T. D., et al. 2016, Physical Review Letters, 116, 061102

This preprint was prepared with the AAS LATEX macros v5.2.

Bulik, Belczynski, Prestwich 11  



Caveat - RV may be the wind velocity (Laycock et al 15)  



§  Supported by the relative phasing of X-ray eclipse 

Caveat - RV may be the wind velocity (Laycock et al 15)  



§  Supported by the relative phasing of X-ray eclipse 

§  Similar to Cyg X-3 (P~5 hours) 

Caveat - RV may be the wind velocity (Laycock et al 15)  



§  Supported by the relative phasing of X-ray eclipse 

§  Similar to Cyg X-3 (P~5 hours) 

§  However, spectra do not provide hard evidence for wind 

19
96
A&
A.
..
31
4.
.5
21
V

No. 1, 2008 THE MOST MASSIVE STELLAR-MASS BLACK HOLE L19

Fig. 2.—Spectra of the He ii emission line from [MAC92] 17A obtained
on 2007 November 12.257 (top), 2007 December 12.258 (middle), and 2007
November 11.361 (bottom). The data have been deredshifted and converted
into velocity space. The vertical long-dashed line is where the He ii feature
of [MAC92] 17A would be centered if at rest. The short-dashed lines show
our Gaussian fits to the data. The centroid of the He ii line clearly shifts with
time.

Fig. 3.—Radial velocity curve of [MAC92] 17A using velocities relative
to the [O iii] spectral line. Two cycles are shown for clarity. Formall5007
velocity error bars are 1 j. See the text for values of the fit parameters.

Fig. 4.—Value of vs. trial period for [MAC92] 17A, using all 10 spectra2x
discussed in the text.

verted into a radial velocity. Similarly, the semiamplitude of
the fit was converted from a wavelength to a velocity.

4. RESULTS

4.1. Radial Velocity Curve

Figure 3 shows the radial velocity curve of [MAC92] 17A.
Two complete periods, each with 10 observations, are shown.
The velocities in Figure 3 were calculated with respect to the
[O iii] line. We also determined radial velocities and anl5007
associated cosine fit with respect to the nebular Hb line. These
radial velocities differed from the ones derived using the [O iii]
line by much less than 1 j at each epoch. In addition, the period
of the curve derived using the Hb line differed by only 0.01%
from the curve shown in Figure 3, and the semiamplitude dif-
fered by ∼0.3%. These differences led to a mere 0.5% differ-
ence in the final BH mass.

Since [O iii] had a somewhat higher S/N than Hb (as seen
in Fig. 1), the Hb Gaussian fits had slightly larger uncertainties
in their centroids and thus led to larger overall uncertainties.
Thus, we have chosen to present only the velocities derived
relative to the [O iii] line.

The error bars shown represent 1 j, and were calculated by
considering the uncertainty in the centroids of our Gaussian
fits to both the He ii line as well as the [O iii] nebular line.

The point in Figure 3 with the relatively large error bar is due
to a low S/N spectrum.

The four-parameter fit (zero point, semiamplitude, period,
and phase) yielded a semiamplitude of kmK p 370 ! 202

s and a period of hr (consistent with the!1 P p 34.93 ! 0.04
X-ray period of hr reported by Prestwich et al.34.40 ! 0.83
[2007]). However, the phasing of our radial velocity curve with
the X-ray light curve (Prestwich et al. 2007, Fig. 1) is unknown
because of the substantial uncertainty in the X-ray period.

We examined the distribution of possible periods resulting
from our observations in order to test whether our calculated
period suffers from any ambiguity in the number of cycles
between observations. Figure 4 shows versus trial period2x
for our complete set of 10 observations. It is clear that the two
periods that best fit the data are ∼34.9 hr ( ) and ∼35.72x ≈ 2.43
hr ( ).2x ≈ 2.50

We have chosen to adopt the 34.9 hr period since (1) it has
the lowest value of (although the from the 35.7 hr period2 2x x
is close to this value); (2) it is consistent with the X-ray period
derived by Prestwich et al. (2007) whereas the 35.7 hr period
is 2 j away from this value; and (3) it is surrounded by the
lowest values of in Figure 4 (yet the value of begins to2 2x x
rise dramatically at periods just larger than 35.7 hr). The fact
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Field binary scenario 

Figure 1: Example binary evolution leading to a BH-BH merger similar to GW150914. A
massive binary star (96 + 60 M⊙) is formed in the distant past (2 billion years after Big Bang;
z ∼ 3.2) and after five million years of evolution forms a BH-BH system (37+31 M⊙). For the
ensuing 10.3 billion years this BH-BH system is subject to angular momentum loss, with the
orbital separation steadily decreasing, until the black holes coalesce at redshift z = 0.09. This
example binary formed in a low metallicity environment (Z = 3% Z⊙).
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Belczynski et al 16  
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We explore the implications of the observed low spin of GW150914 within the context of
stellar astrophysics and progenitor models. We conclude that many of the recently proposed
scenarios are in marked tension with this observation. If the progenitor system was a field
binary composed of a black hole and a Wolf-Rayet star this observation allows us to place
a lower limit for the delay time between the formation of the BH+BH binary and the actual
merger, tmerge ⇠> 108 yr. We anticipate the next series of events, and the associated spin pa-
rameters, will ultimately yield critical constraints on the formation scenario and on stellar
parameters describing the late-stage evolution of massive stars.
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1 INTRODUCTION

The era of gravitational wave astronomy has arrived. Both the
strength of the signal in GW150914, as well as its form, were a
striking revelation to all. In particular, the reported masses of the
system — a black-hole (BH) binary merger with estimated BH
masses of M1 = 35.7+5.4±1.1

3.8±0.0 , M2 = 29.1+3.8±0.2
4.4±0.5 — are between

a factor of 6-10 “heavier" than expected based on the known mass
function of stellar mass black holes within the Milky Way. The de-
lightfully unexpected properties of GW150914 have unleashed the
creative fury of the theoretical astrophysics community and awo-
ken it from its Chandrasekhar-induced slumber. As a result, there
is an enormous range of proposed channels all aiming to produce
heavy black holes.

In this article, we explore another property of GW150914 —
its observed (low) spin. The effective inspiral spin parameter:

�eff =
M1~a1 + M2~a2

M1 + M2
· L̂ (1)

(where ~a1 and ~a2 are the dimensionless BH spins, ~a = c

~
S/GM

2,
and L̂ is the direction of orbital angular momentum) is observed to
be �eff = �0.06+0.17±0.01

�0.18±0.07 (quoted both the 90% credible interval
and an estimate for the 90% range of systematic error; The LIGO
Scientific Collaboration & the Virgo Collaboration 2016).

Some of the proposed channels for a merger of stellar-mass
BHs include isolated stellar field binary (hereafter, the classical

scenario, Phinney 1991; Tutukov & Yungelson 1993; Belczynski et
al. 2016), dynamical formation in dense environments (e.g. in glob-
ular clusters, Sigurdsson & Hernquist 1993), and inside a massive

? E-mail: mn@ras.org.uk (KTS)

star envelope (Fryer et al. 2001; Reisswig et al. 2013; Loeb 2016;
Woosley 2016). Recently, an isolated stellar field binary scenario
that includes fully mixed stars has been discussed by Mandel & de
Mink (2016); Marchant et al. (2016); de Mink & Mandel (2016).
For a more complete reference list of proposed channels see Abbott
et al. (2016). Some of these scenarios are in marked tension with
the observed low spin, for example:

(i) Formation inside a massive star envelope: Reisswig et al.
(2013) simulate the fission to two BHs and the subsequent merger.
In the final orbits before the merger each BH has a ⇡ 0.7, which
would lead to �eff ⇡ 0.7 compared to the low observed value
�eff ⌧ 1.

(ii) The fully mixed stars scenario: Yoon et al. (2006) derived
the condition (define veq ??)veq � 0.2

p
GM/R as the threshold for

homogenous evolution (see their Figure 3; larger veq are required
for lower mass stars). This can be translated (in our framework) to:

a � 0.2cr

2
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r
R

GM

⇡ 2.7

(
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2
g

0.075

)
C0
 

R

2 R�

!1/2  
M

30 M�

!�1/2
, (2)

where r

2
g is the radius of gyration of the star related to the mo-

ment of inertia and radius of the star by I = r

2
gR

2
M . Equation (2)

implies that both BHs should have maximal spins (a ⇡ 1). This
prediction of �eff ⇡ 1 is thus in seeming tension with the low ob-
served value �eff ⌧ 1. Marchant et al. (2016) provide the a values
for their models. All systems with M1 +M2 ⇠< 100 M� that merger
within Hubble time satisfy a ⇠> 0.5 for both component, leading
to �eff ⇠> 0.5, which is in a possible contradiction with the low
observed value �eff ⌧ 1.

c� 2015 The Authors

= -0.05±0.2 
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In this article, we explore another property of GW150914 —
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star envelope (Fryer et al. 2001; Reisswig et al. 2013; Loeb 2016;
Woosley 2016). Recently, an isolated stellar field binary scenario
that includes fully mixed stars has been discussed by Mandel & de
Mink (2016); Marchant et al. (2016); de Mink & Mandel (2016).
For a more complete reference list of proposed channels see Abbott
et al. (2016). Some of these scenarios are in marked tension with
the observed low spin, for example:

(i) Formation inside a massive star envelope: Reisswig et al.
(2013) simulate the fission to two BHs and the subsequent merger.
In the final orbits before the merger each BH has a ⇡ 0.7, which
would lead to �eff ⇡ 0.7 compared to the low observed value
�eff ⌧ 1.

(ii) The fully mixed stars scenario: Yoon et al. (2006) derived
the condition (define veq ??)veq � 0.2
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implies that both BHs should have maximal spins (a ⇡ 1). This
prediction of �eff ⇡ 1 is thus in seeming tension with the low ob-
served value �eff ⌧ 1. Marchant et al. (2016) provide the a values
for their models. All systems with M1 +M2 ⇠< 100 M� that merger
within Hubble time satisfy a ⇠> 0.5 for both component, leading
to �eff ⇠> 0.5, which is in a possible contradiction with the low
observed value �eff ⌧ 1.

c� 2015 The Authors

§  Rules out formation inside a massive star envelope and the fully mixed stars 
scenario.   
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�eff =
M1~a1 + M2~a2

M1 + M2
· L̂ (1)

(where ~a1 and ~a2 are the dimensionless BH spins, ~a = c

~
S/GM

2,
and L̂ is the direction of orbital angular momentum) is observed to
be �eff = �0.06+0.17±0.01

�0.18±0.07 (quoted both the 90% credible interval
and an estimate for the 90% range of systematic error; The LIGO
Scientific Collaboration & the Virgo Collaboration 2016).

Some of the proposed channels for a merger of stellar-mass
BHs include isolated stellar field binary (hereafter, the classical

scenario, Phinney 1991; Tutukov & Yungelson 1993; Belczynski et
al. 2016), dynamical formation in dense environments (e.g. in glob-
ular clusters, Sigurdsson & Hernquist 1993), and inside a massive
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star envelope (Fryer et al. 2001; Reisswig et al. 2013; Loeb 2016;
Woosley 2016). Recently, an isolated stellar field binary scenario
that includes fully mixed stars has been discussed by Mandel & de
Mink (2016); Marchant et al. (2016); de Mink & Mandel (2016).
For a more complete reference list of proposed channels see Abbott
et al. (2016). Some of these scenarios are in marked tension with
the observed low spin, for example:

(i) Formation inside a massive star envelope: Reisswig et al.
(2013) simulate the fission to two BHs and the subsequent merger.
In the final orbits before the merger each BH has a ⇡ 0.7, which
would lead to �eff ⇡ 0.7 compared to the low observed value
�eff ⌧ 1.

(ii) The fully mixed stars scenario: Yoon et al. (2006) derived
the condition (define veq ??)veq � 0.2

p
GM/R as the threshold for

homogenous evolution (see their Figure 3; larger veq are required
for lower mass stars). This can be translated (in our framework) to:
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where r

2
g is the radius of gyration of the star related to the mo-

ment of inertia and radius of the star by I = r

2
gR

2
M . Equation (2)

implies that both BHs should have maximal spins (a ⇡ 1). This
prediction of �eff ⇡ 1 is thus in seeming tension with the low ob-
served value �eff ⌧ 1. Marchant et al. (2016) provide the a values
for their models. All systems with M1 +M2 ⇠< 100 M� that merger
within Hubble time satisfy a ⇠> 0.5 for both component, leading
to �eff ⇠> 0.5, which is in a possible contradiction with the low
observed value �eff ⌧ 1.
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(iii) Perna et al. (2016) suggested that a disk forms around one
of the BHs to later power a short gamma-ray burst. The spin of this
BH is predicted to be a ⇡ 1 which is also in tension with the low
observed value �eff ⌧ 1 for GW150914.

These models, in their raw form, generally predict �eff close to
unity. The observation in GW150914 of �eff ⌧ 1 is thus in some
tension with them.

In this paper we will analyze the classical scenario and show
that the spin observation allows us to place a lower limit one the
delay time between the formation of the BH+BH binary and the
actual merger, tmerge ⇠> 108 yr. This arises naturally following the
angular momentum evolution of the star that evolves to the second
BH. We elucidate the basic considerations here so that future events
may be similarly used to constrain models.

Our paper is organized as follows. In Section 2 we consider
the angular momentum evolution of the secondary as it collapses to
a BH examining the competing effects of wind-losses and torque-
gains. In Section 3 we consider the allowed range of scenarios and
demonstrate the application of our limits. In Section 4, we consider
the caveats and limitations to our main argument. We conclude in
Section 5.

2 ANGULAR MOMENTUM EVOLUTION IN A
“CLASSIC" SCENARIO

The classical scenario for the merger of stellar-mass BHs from an
isolated stellar field binary was worked nearly three decades ago
with subsequent modern improvements (Phinney 1991; Tutukov &
Yungelson 1993; Belczynski et al. 2016). In this picture, prior to
the collapse of the second BH, the progenitor system is an isolated
stellar field binary that is composed of a Wolf-Rayet (WR) star with
a mass M and a BH with a mass M/q, q being defined as the mass
ratio.

We will now investigate the angular momentum evolution of
this system under the assumption that there is no mass loss during
the collapse of the WR star to the second BH, and that the kick
velocity of the BH is very small compared with the orbital velocity.
We will revisit these assumptions in Section 5 and show that mass
loss during the collapse does not change our result significantly.
Any scenario involving a large BH natal kick is ruled out by the
existence of the merger.

The angular momentum of the WR star is I⌦, where ⌦ is the
angular spin velocity of the star (assuming solid body rotation) I =

r

2
gR

2
M is the moment of inertia, R is the stellar radius, and r

2
g is

the radius of gyration of the star. For an initial orbital semi-major
axis, d, we can write the dimensionless spin of the star, a, as:

a =
cJ
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where ! =
p

G(M + M/q)/d3 is the orbital angular velocity. For
synchronization between the stellar spin and the orbit (⌦ = !) we
define a = async.

Because the merger time due to gravitational wave emission,
tmerge, also depends simply on the initial orbital properties and

component masses (Peters 1964):
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we can write async as follows:
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The angular momentum evolution of the WR star is deter-
mined by two competing process. Stellar winds decrease the an-
gular momentum of the star (Section 2.1), while torque applied to
the star by the BH increases the angular momentum driving it to-
wards async (Section 2.2). We now investigate the impact of each
of these processes on the total angular momentum evolution which
is critical for the final observed spin.

2.1 Wind Losses

Mass-loss from WR stars is complicated theoretically and obser-
vationally, thus the estimated rates are highly uncertain. A typical
estimate is ⇡ 10�5

M� yr�1 (see Crowther 2007, and references
therein), while Nugis & Lamers (2000) estimate tM ⌘ M/Ṁ ⇡
106 yr independent of mass. An expected dependence of the mass
loss rate on metallicity further complicates the estimates (Vink et
al. 2001). Here we assume that over the time of the WR phase,
tWR, the star does not lose a significant fraction of its mass, i.e.
tWR ⇠< tM . For massive ⇠> 10 M� WR stars, this is a reasonable
assumption, as the estimated life time is tWR ⇡ 3 · 105 yr (see Mc-
Clelland & Eldridge 2016, for a recent study), and tM ⇠> 106 yr.
We are interested in twind, the timecale for loss of angular momen-
tum resulting from winds. For twind ⇠< tWR the angular momentum
is exponentially suppressed due to the wind. We now estimate this
timescale for the system of interest.

Assuming the stellar radius is constant during the mass loss
and that the mass is lost from a spherical shell at the stellar surface,
we can write the rate of angular momentum loss as follows:

J̇ = İ⌦ =
2Ṁ R

2⌦

3
. (7)

We can estimate twind by taking the ratio between J and J̇,

twind ⌘
a
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⇡ J
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⇡ 3
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Ṁ

⇡ 0.1

(
B/

r

2
g

0.075
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Should we comment on approximate treatment above?
This timescale, of course, will be critical for the constraint as

we will discuss in Section 3. First, however, we must compute the
countervailing timescale: the BH-induced torque.

2.2 Torque Gains

The torque applied to a star in a binary system was first calculated
by Zahn (1975). We will consider the case in which the normalized
apparent frequency of the tide, s = 2|! � ⌦|

p
R

3/GM , satisfies
s

�1 � 1. Under this condition, the forced oscillations in the enve-
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(iii) Perna et al. (2016) suggested that a disk forms around one
of the BHs to later power a short gamma-ray burst. The spin of this
BH is predicted to be a ⇡ 1 which is also in tension with the low
observed value �eff ⌧ 1 for GW150914.

These models, in their raw form, generally predict �eff close to
unity. The observation in GW150914 of �eff ⌧ 1 is thus in some
tension with them.

In this paper we will analyze the classical scenario and show
that the spin observation allows us to place a lower limit one the
delay time between the formation of the BH+BH binary and the
actual merger, tmerge ⇠> 108 yr. This arises naturally following the
angular momentum evolution of the star that evolves to the second
BH. We elucidate the basic considerations here so that future events
may be similarly used to constrain models.

Our paper is organized as follows. In Section 2 we consider
the angular momentum evolution of the secondary as it collapses to
a BH examining the competing effects of wind-losses and torque-
gains. In Section 3 we consider the allowed range of scenarios and
demonstrate the application of our limits. In Section 4, we consider
the caveats and limitations to our main argument. We conclude in
Section 5.

2 ANGULAR MOMENTUM EVOLUTION IN A
“CLASSIC" SCENARIO

The classical scenario for the merger of stellar-mass BHs from an
isolated stellar field binary was worked nearly three decades ago
with subsequent modern improvements (Phinney 1991; Tutukov &
Yungelson 1993; Belczynski et al. 2016). In this picture, prior to
the collapse of the second BH, the progenitor system is an isolated
stellar field binary that is composed of a Wolf-Rayet (WR) star with
a mass M and a BH with a mass M/q, q being defined as the mass
ratio.

We will now investigate the angular momentum evolution of
this system under the assumption that there is no mass loss during
the collapse of the WR star to the second BH, and that the kick
velocity of the BH is very small compared with the orbital velocity.
We will revisit these assumptions in Section 5 and show that mass
loss during the collapse does not change our result significantly.
Any scenario involving a large BH natal kick is ruled out by the
existence of the merger.

The angular momentum of the WR star is I⌦, where ⌦ is the
angular spin velocity of the star (assuming solid body rotation) I =

r

2
gR

2
M is the moment of inertia, R is the stellar radius, and r

2
g is

the radius of gyration of the star. For an initial orbital semi-major
axis, d, we can write the dimensionless spin of the star, a, as:

a =
cJ
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2 =
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where ! =
p

G(M + M/q)/d3 is the orbital angular velocity. For
synchronization between the stellar spin and the orbit (⌦ = !) we
define a = async.

Because the merger time due to gravitational wave emission,
tmerge, also depends simply on the initial orbital properties and

component masses (Peters 1964):
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we can write async as follows:
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The angular momentum evolution of the WR star is deter-
mined by two competing process. Stellar winds decrease the an-
gular momentum of the star (Section 2.1), while torque applied to
the star by the BH increases the angular momentum driving it to-
wards async (Section 2.2). We now investigate the impact of each
of these processes on the total angular momentum evolution which
is critical for the final observed spin.

2.1 Wind Losses

Mass-loss from WR stars is complicated theoretically and obser-
vationally, thus the estimated rates are highly uncertain. A typical
estimate is ⇡ 10�5

M� yr�1 (see Crowther 2007, and references
therein), while Nugis & Lamers (2000) estimate tM ⌘ M/Ṁ ⇡
106 yr independent of mass. An expected dependence of the mass
loss rate on metallicity further complicates the estimates (Vink et
al. 2001). Here we assume that over the time of the WR phase,
tWR, the star does not lose a significant fraction of its mass, i.e.
tWR ⇠< tM . For massive ⇠> 10 M� WR stars, this is a reasonable
assumption, as the estimated life time is tWR ⇡ 3 · 105 yr (see Mc-
Clelland & Eldridge 2016, for a recent study), and tM ⇠> 106 yr.
We are interested in twind, the timecale for loss of angular momen-
tum resulting from winds. For twind ⇠< tWR the angular momentum
is exponentially suppressed due to the wind. We now estimate this
timescale for the system of interest.

Assuming the stellar radius is constant during the mass loss
and that the mass is lost from a spherical shell at the stellar surface,
we can write the rate of angular momentum loss as follows:

J̇ = İ⌦ =
2Ṁ R

2⌦

3
. (7)

We can estimate twind by taking the ratio between J and J̇,

twind ⌘
a
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⇡ J

J̇

⇡ 3
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Ṁ

⇡ 0.1
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Should we comment on approximate treatment above?
This timescale, of course, will be critical for the constraint as

we will discuss in Section 3. First, however, we must compute the
countervailing timescale: the BH-induced torque.

2.2 Torque Gains

The torque applied to a star in a binary system was first calculated
by Zahn (1975). We will consider the case in which the normalized
apparent frequency of the tide, s = 2|! � ⌦|

p
R

3/GM , satisfies
s

�1 � 1. Under this condition, the forced oscillations in the enve-
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ABSTRACT
We explore the implications of the observed low spin of GW150914 within the context of
stellar astrophysics and progenitor models. We conclude that many of the recently proposed
scenarios are in marked tension with this observation. If the progenitor system was a field
binary composed of a black hole and a Wolf-Rayet star this observation allows us to place
a lower limit for the delay time between the formation of the BH+BH binary and the actual
merger, tmerge ⇠> 108 yr. We anticipate the next series of events, and the associated spin pa-
rameters, will ultimately yield critical constraints on the formation scenario and on stellar
parameters describing the late-stage evolution of massive stars.

Key words: keyword1 – keyword2 – keyword3

1 INTRODUCTION

The era of gravitational wave astronomy has arrived. Both the
strength of the signal in GW150914, as well as its form, were a
striking revelation to all. In particular, the reported masses of the
system — a black-hole (BH) binary merger with estimated BH
masses of M1 = 35.7+5.4±1.1

3.8±0.0 , M2 = 29.1+3.8±0.2
4.4±0.5 — are between

a factor of 6-10 “heavier" than expected based on the known mass
function of stellar mass black holes within the Milky Way. The de-
lightfully unexpected properties of GW150914 have unleashed the
creative fury of the theoretical astrophysics community and awo-
ken it from its Chandrasekhar-induced slumber. As a result, there
is an enormous range of proposed channels all aiming to produce
heavy black holes.

In this article, we explore another property of GW150914 —
its observed (low) spin. The effective inspiral spin parameter:

�eff =
M1~a1 + M2~a2

M1 + M2
· L̂ (1)

(where ~a1 and ~a2 are the dimensionless BH spins, ~a = c

~
S/GM

2,
and L̂ is the direction of orbital angular momentum) is observed to
be �eff = �0.06+0.17±0.01

�0.18±0.07 (quoted both the 90% credible interval
and an estimate for the 90% range of systematic error; The LIGO
Scientific Collaboration & the Virgo Collaboration 2016).

Some of the proposed channels for a merger of stellar-mass
BHs include isolated stellar field binary (hereafter, the classical

scenario, Phinney 1991; Tutukov & Yungelson 1993; Belczynski et
al. 2016), dynamical formation in dense environments (e.g. in glob-
ular clusters, Sigurdsson & Hernquist 1993), and inside a massive

? E-mail: mn@ras.org.uk (KTS)

star envelope (Fryer et al. 2001; Reisswig et al. 2013; Loeb 2016;
Woosley 2016). Recently, an isolated stellar field binary scenario
that includes fully mixed stars has been discussed by Mandel & de
Mink (2016); Marchant et al. (2016); de Mink & Mandel (2016).
For a more complete reference list of proposed channels see Abbott
et al. (2016). Some of these scenarios are in marked tension with
the observed low spin, for example:

(i) Formation inside a massive star envelope: Reisswig et al.
(2013) simulate the fission to two BHs and the subsequent merger.
In the final orbits before the merger each BH has a ⇡ 0.7, which
would lead to �eff ⇡ 0.7 compared to the low observed value
�eff ⌧ 1.

(ii) The fully mixed stars scenario: Yoon et al. (2006) derived
the condition (define veq ??)veq � 0.2

p
GM/R as the threshold for

homogenous evolution (see their Figure 3; larger veq are required
for lower mass stars). This can be translated (in our framework) to:
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where r

2
g is the radius of gyration of the star related to the mo-

ment of inertia and radius of the star by I = r

2
gR

2
M . Equation (2)

implies that both BHs should have maximal spins (a ⇡ 1). This
prediction of �eff ⇡ 1 is thus in seeming tension with the low ob-
served value �eff ⌧ 1. Marchant et al. (2016) provide the a values
for their models. All systems with M1 +M2 ⇠< 100 M� that merger
within Hubble time satisfy a ⇠> 0.5 for both component, leading
to �eff ⇠> 0.5, which is in a possible contradiction with the low
observed value �eff ⌧ 1.
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(iii) Perna et al. (2016) suggested that a disk forms around one
of the BHs to later power a short gamma-ray burst. The spin of this
BH is predicted to be a ⇡ 1 which is also in tension with the low
observed value �eff ⌧ 1 for GW150914.

These models, in their raw form, generally predict �eff close to
unity. The observation in GW150914 of �eff ⌧ 1 is thus in some
tension with them.

In this paper we will analyze the classical scenario and show
that the spin observation allows us to place a lower limit one the
delay time between the formation of the BH+BH binary and the
actual merger, tmerge ⇠> 108 yr. This arises naturally following the
angular momentum evolution of the star that evolves to the second
BH. We elucidate the basic considerations here so that future events
may be similarly used to constrain models.

Our paper is organized as follows. In Section 2 we consider
the angular momentum evolution of the secondary as it collapses to
a BH examining the competing effects of wind-losses and torque-
gains. In Section 3 we consider the allowed range of scenarios and
demonstrate the application of our limits. In Section 4, we consider
the caveats and limitations to our main argument. We conclude in
Section 5.

2 ANGULAR MOMENTUM EVOLUTION IN A
“CLASSIC" SCENARIO

The classical scenario for the merger of stellar-mass BHs from an
isolated stellar field binary was worked nearly three decades ago
with subsequent modern improvements (Phinney 1991; Tutukov &
Yungelson 1993; Belczynski et al. 2016). In this picture, prior to
the collapse of the second BH, the progenitor system is an isolated
stellar field binary that is composed of a Wolf-Rayet (WR) star with
a mass M and a BH with a mass M/q, q being defined as the mass
ratio.

We will now investigate the angular momentum evolution of
this system under the assumption that there is no mass loss during
the collapse of the WR star to the second BH, and that the kick
velocity of the BH is very small compared with the orbital velocity.
We will revisit these assumptions in Section 5 and show that mass
loss during the collapse does not change our result significantly.
Any scenario involving a large BH natal kick is ruled out by the
existence of the merger.

The angular momentum of the WR star is I⌦, where ⌦ is the
angular spin velocity of the star (assuming solid body rotation) I =

r

2
gR

2
M is the moment of inertia, R is the stellar radius, and r

2
g is

the radius of gyration of the star. For an initial orbital semi-major
axis, d, we can write the dimensionless spin of the star, a, as:

a =
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where ! =
p

G(M + M/q)/d3 is the orbital angular velocity. For
synchronization between the stellar spin and the orbit (⌦ = !) we
define a = async.

Because the merger time due to gravitational wave emission,
tmerge, also depends simply on the initial orbital properties and

component masses (Peters 1964):
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we can write async as follows:
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The angular momentum evolution of the WR star is deter-
mined by two competing process. Stellar winds decrease the an-
gular momentum of the star (Section 2.1), while torque applied to
the star by the BH increases the angular momentum driving it to-
wards async (Section 2.2). We now investigate the impact of each
of these processes on the total angular momentum evolution which
is critical for the final observed spin.

2.1 Wind Losses

Mass-loss from WR stars is complicated theoretically and obser-
vationally, thus the estimated rates are highly uncertain. A typical
estimate is ⇡ 10�5

M� yr�1 (see Crowther 2007, and references
therein), while Nugis & Lamers (2000) estimate tM ⌘ M/Ṁ ⇡
106 yr independent of mass. An expected dependence of the mass
loss rate on metallicity further complicates the estimates (Vink et
al. 2001). Here we assume that over the time of the WR phase,
tWR, the star does not lose a significant fraction of its mass, i.e.
tWR ⇠< tM . For massive ⇠> 10 M� WR stars, this is a reasonable
assumption, as the estimated life time is tWR ⇡ 3 · 105 yr (see Mc-
Clelland & Eldridge 2016, for a recent study), and tM ⇠> 106 yr.
We are interested in twind, the timecale for loss of angular momen-
tum resulting from winds. For twind ⇠< tWR the angular momentum
is exponentially suppressed due to the wind. We now estimate this
timescale for the system of interest.

Assuming the stellar radius is constant during the mass loss
and that the mass is lost from a spherical shell at the stellar surface,
we can write the rate of angular momentum loss as follows:

J̇ = İ⌦ =
2Ṁ R

2⌦

3
. (7)

We can estimate twind by taking the ratio between J and J̇,

twind ⌘
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Should we comment on approximate treatment above?
This timescale, of course, will be critical for the constraint as

we will discuss in Section 3. First, however, we must compute the
countervailing timescale: the BH-induced torque.

2.2 Torque Gains

The torque applied to a star in a binary system was first calculated
by Zahn (1975). We will consider the case in which the normalized
apparent frequency of the tide, s = 2|! � ⌦|

p
R

3/GM , satisfies
s

�1 � 1. Under this condition, the forced oscillations in the enve-
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(iii) Perna et al. (2016) suggested that a disk forms around one
of the BHs to later power a short gamma-ray burst. The spin of this
BH is predicted to be a ⇡ 1 which is also in tension with the low
observed value �eff ⌧ 1 for GW150914.

These models, in their raw form, generally predict �eff close to
unity. The observation in GW150914 of �eff ⌧ 1 is thus in some
tension with them.

In this paper we will analyze the classical scenario and show
that the spin observation allows us to place a lower limit one the
delay time between the formation of the BH+BH binary and the
actual merger, tmerge ⇠> 108 yr. This arises naturally following the
angular momentum evolution of the star that evolves to the second
BH. We elucidate the basic considerations here so that future events
may be similarly used to constrain models.

Our paper is organized as follows. In Section 2 we consider
the angular momentum evolution of the secondary as it collapses to
a BH examining the competing effects of wind-losses and torque-
gains. In Section 3 we consider the allowed range of scenarios and
demonstrate the application of our limits. In Section 4, we consider
the caveats and limitations to our main argument. We conclude in
Section 5.

2 ANGULAR MOMENTUM EVOLUTION IN A
“CLASSIC" SCENARIO

The classical scenario for the merger of stellar-mass BHs from an
isolated stellar field binary was worked nearly three decades ago
with subsequent modern improvements (Phinney 1991; Tutukov &
Yungelson 1993; Belczynski et al. 2016). In this picture, prior to
the collapse of the second BH, the progenitor system is an isolated
stellar field binary that is composed of a Wolf-Rayet (WR) star with
a mass M and a BH with a mass M/q, q being defined as the mass
ratio.

We will now investigate the angular momentum evolution of
this system under the assumption that there is no mass loss during
the collapse of the WR star to the second BH, and that the kick
velocity of the BH is very small compared with the orbital velocity.
We will revisit these assumptions in Section 5 and show that mass
loss during the collapse does not change our result significantly.
Any scenario involving a large BH natal kick is ruled out by the
existence of the merger.

The angular momentum of the WR star is I⌦, where ⌦ is the
angular spin velocity of the star (assuming solid body rotation) I =
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where ! =
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G(M + M/q)/d3 is the orbital angular velocity. For
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The angular momentum evolution of the WR star is deter-
mined by two competing process. Stellar winds decrease the an-
gular momentum of the star (Section 2.1), while torque applied to
the star by the BH increases the angular momentum driving it to-
wards async (Section 2.2). We now investigate the impact of each
of these processes on the total angular momentum evolution which
is critical for the final observed spin.

2.1 Wind Losses

Mass-loss from WR stars is complicated theoretically and obser-
vationally, thus the estimated rates are highly uncertain. A typical
estimate is ⇡ 10�5

M� yr�1 (see Crowther 2007, and references
therein), while Nugis & Lamers (2000) estimate tM ⌘ M/Ṁ ⇡
106 yr independent of mass. An expected dependence of the mass
loss rate on metallicity further complicates the estimates (Vink et
al. 2001). Here we assume that over the time of the WR phase,
tWR, the star does not lose a significant fraction of its mass, i.e.
tWR ⇠< tM . For massive ⇠> 10 M� WR stars, this is a reasonable
assumption, as the estimated life time is tWR ⇡ 3 · 105 yr (see Mc-
Clelland & Eldridge 2016, for a recent study), and tM ⇠> 106 yr.
We are interested in twind, the timecale for loss of angular momen-
tum resulting from winds. For twind ⇠< tWR the angular momentum
is exponentially suppressed due to the wind. We now estimate this
timescale for the system of interest.

Assuming the stellar radius is constant during the mass loss
and that the mass is lost from a spherical shell at the stellar surface,
we can write the rate of angular momentum loss as follows:
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Should we comment on approximate treatment above?
This timescale, of course, will be critical for the constraint as

we will discuss in Section 3. First, however, we must compute the
countervailing timescale: the BH-induced torque.

2.2 Torque Gains

The torque applied to a star in a binary system was first calculated
by Zahn (1975). We will consider the case in which the normalized
apparent frequency of the tide, s = 2|! � ⌦|

p
R

3/GM , satisfies
s

�1 � 1. Under this condition, the forced oscillations in the enve-
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timate for the angular momentum of the secondary BH. In
what follows we will ignore corrections due to mass and an-
gular momentum loss during the explosion that result in the
formation of the BH. These are expected to be small.

The angular momentum evolution of the WR star is de-
termined by two competing process. Stellar winds decrease
the angular momentum of the star while torque applied to
the star by the primary BH increases the angular momen-
tum, driving it towards synchronization. We now investigate
the impact of each of these processes on the total angular
momentum evolution.

For an initial orbital semi major axis, d, we can nor-
malize the dimensionless spin of the star, a, to the orbital
angular velocity, w =

p
G(M+M/q)/d3 :
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where r2

g is the (dimensionless) radius of gyration of the star

related to the moment of inertia by I = r2

gR2M and W is
the angular spin velocity of the star. For synchronization
between the stellar spin and the orbit (W = w), we define
a = async.

The torque (t) applied to a star in a binary system was
first calculated by Zahn (1975). We use the expression for
the torque described in Kushnir (2016b) which leads to a
simple dynamical equation for the spin:
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The relevant time-scale depends on the profile of the star,
but can be approximated by:
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We have introduced the merger time due to gravitational
wave emission, t

merge

which depends in a simple way on
the initial orbital properties and component masses (Peters
1964):
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5

512
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It is important to note that tt is a very strong function of
distance, tt µ d17/2.

Competing against the tidal torque is the loss of an-
gular momentum resulting from mass-loss. Mass-loss from
WR stars is complicated theoretically and observationally,
thus the estimated rates are highly uncertain. As in Kushnir
(2016b) we incorporate this e↵ect by modifying the equation
of a as:
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only valid for a < async. We will take twind in the range 10

5

to 10

6 yrs to be a reasonable estimate but we note that our
conclusions are robust to this choice. We will integrate this
equation until the end of the life of the WR star, which we
take to be tWR ⇡ 3⇥10

5 yrs.

M dt dmerge

10 M� 7 R� 19 R�

20 M� 12 R� 32 R�

30 M� 16 R� 44 R�

Table 1. Separations corresponding to tt = 3⇥ 10

5 yrs (dt ) and
tmerge = 10

10 yrs (dmerge) for binaries composed of a WR and a
BH of equal mass (M).

Figure 1. Timescales as a function of separation for binaries
composed of a WR and a BH of equal mass. Two examples are
shown M = 10 M� and M = 30 M�.

3 SIMPLE EXPECTATIONS

In this section we will describe some of the consequences of
the simple formulae described above.

Timescales: There are two important distance scales in the
problem. The first one, dmerge, will be defined as the distance
that corresponds to a merger time equal to a Hubble time
tH , ie. tmerge ⇠ 10

10 yrs. For separations larger than this, the
binary does not have enough time to merge in the lifetime
of the universe. The other important distance, dt , will be
defined as the distance that corresponds to tt ⇠ tWR (the
Wolf-Rayet lifetime), inside of which torques are important
and synchronize the binary and outside of which torques are
irrelevant.

There are two points to note: first although dt < dmerge

they are of comparable magnitude. We give some represen-
tative numbers in Table 1 for systems of di↵erent masses.
The second point, evident in Figure 1 is that both tmerge

and tt are very strong functions of separation (tmerge µ d4

and tt µ d17/2). In particular this implies that the transition
between tt << tWR and tt >> tWR occurs over a very small
range of separations. Furthermore, because of the steep de-
pendence, the fact that the locations where tidal torques are
important is comparable to the distance required for the bi-
nary to merge in a Hubble time is relatively insensitive to
the details.

Possible separations Let us assume that the distance be-
tween the WR star and the BH is set by the details of late-
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timate for the angular momentum of the secondary BH. In
what follows we will ignore corrections due to mass and an-
gular momentum loss during the explosion that result in the
formation of the BH. These are expected to be small.

The angular momentum evolution of the WR star is de-
termined by two competing process. Stellar winds decrease
the angular momentum of the star while torque applied to
the star by the primary BH increases the angular momen-
tum, driving it towards synchronization. We now investigate
the impact of each of these processes on the total angular
momentum evolution.

For an initial orbital semi major axis, d, we can nor-
malize the dimensionless spin of the star, a, to the orbital
angular velocity, w =
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G(M+M/q)/d3 :
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where r2

g is the (dimensionless) radius of gyration of the star

related to the moment of inertia by I = r2

gR2M and W is
the angular spin velocity of the star. For synchronization
between the stellar spin and the orbit (W = w), we define
a = async.

The torque (t) applied to a star in a binary system was
first calculated by Zahn (1975). We use the expression for
the torque described in Kushnir (2016b) which leads to a
simple dynamical equation for the spin:
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The relevant time-scale depends on the profile of the star,
but can be approximated by:
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We have introduced the merger time due to gravitational
wave emission, t

merge

which depends in a simple way on
the initial orbital properties and component masses (Peters
1964):

tmerge =
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It is important to note that tt is a very strong function of
distance, tt µ d17/2.

Competing against the tidal torque is the loss of an-
gular momentum resulting from mass-loss. Mass-loss from
WR stars is complicated theoretically and observationally,
thus the estimated rates are highly uncertain. As in Kushnir
(2016b) we incorporate this e↵ect by modifying the equation
of a as:

ȧ =
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only valid for a < async. We will take twind in the range 10

5

to 10

6 yrs to be a reasonable estimate but we note that our
conclusions are robust to this choice. We will integrate this
equation until the end of the life of the WR star, which we
take to be tWR ⇡ 3⇥10

5 yrs.

M dt dmerge
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Table 1. Separations corresponding to tt = 3⇥ 10

5 yrs (dt ) and
tmerge = 10

10 yrs (dmerge) for binaries composed of a WR and a
BH of equal mass (M).

Figure 1. Timescales as a function of separation for binaries
composed of a WR and a BH of equal mass. Two examples are
shown M = 10 M� and M = 30 M�.

3 SIMPLE EXPECTATIONS

In this section we will describe some of the consequences of
the simple formulae described above.

Timescales: There are two important distance scales in the
problem. The first one, dmerge, will be defined as the distance
that corresponds to a merger time equal to a Hubble time
tH , ie. tmerge ⇠ 10

10 yrs. For separations larger than this, the
binary does not have enough time to merge in the lifetime
of the universe. The other important distance, dt , will be
defined as the distance that corresponds to tt ⇠ tWR (the
Wolf-Rayet lifetime), inside of which torques are important
and synchronize the binary and outside of which torques are
irrelevant.

There are two points to note: first although dt < dmerge

they are of comparable magnitude. We give some represen-
tative numbers in Table 1 for systems of di↵erent masses.
The second point, evident in Figure 1 is that both tmerge

and tt are very strong functions of separation (tmerge µ d4

and tt µ d17/2). In particular this implies that the transition
between tt << tWR and tt >> tWR occurs over a very small
range of separations. Furthermore, because of the steep de-
pendence, the fact that the locations where tidal torques are
important is comparable to the distance required for the bi-
nary to merge in a Hubble time is relatively insensitive to
the details.

Possible separations Let us assume that the distance be-
tween the WR star and the BH is set by the details of late-
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timate for the angular momentum of the secondary BH. In
what follows we will ignore corrections due to mass and an-
gular momentum loss during the explosion that result in the
formation of the BH. These are expected to be small.

The angular momentum evolution of the WR star is de-
termined by two competing process. Stellar winds decrease
the angular momentum of the star while torque applied to
the star by the primary BH increases the angular momen-
tum, driving it towards synchronization. We now investigate
the impact of each of these processes on the total angular
momentum evolution.

For an initial orbital semi major axis, d, we can nor-
malize the dimensionless spin of the star, a, to the orbital
angular velocity, w =

p
G(M+M/q)/d3 :

a =
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where r2

g is the (dimensionless) radius of gyration of the star

related to the moment of inertia by I = r2

gR2M and W is
the angular spin velocity of the star. For synchronization
between the stellar spin and the orbit (W = w), we define
a = async.

The torque (t) applied to a star in a binary system was
first calculated by Zahn (1975). We use the expression for
the torque described in Kushnir (2016b) which leads to a
simple dynamical equation for the spin:

ȧ =
c

GM2

t ⌘
async

tt

����1�
a

async

����
8/3

. (3)

The relevant time-scale depends on the profile of the star,
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We have introduced the merger time due to gravitational
wave emission, t

merge

which depends in a simple way on
the initial orbital properties and component masses (Peters
1964):

tmerge =
5

512

c5

G3M3

2q2

1+q
d4. (5)

It is important to note that tt is a very strong function of
distance, tt µ d17/2.

Competing against the tidal torque is the loss of an-
gular momentum resulting from mass-loss. Mass-loss from
WR stars is complicated theoretically and observationally,
thus the estimated rates are highly uncertain. As in Kushnir
(2016b) we incorporate this e↵ect by modifying the equation
of a as:
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only valid for a < async. We will take twind in the range 10

5

to 10

6 yrs to be a reasonable estimate but we note that our
conclusions are robust to this choice. We will integrate this
equation until the end of the life of the WR star, which we
take to be tWR ⇡ 3⇥10

5 yrs.
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Table 1. Separations corresponding to tt = 3⇥ 10

5 yrs (dt ) and
tmerge = 10

10 yrs (dmerge) for binaries composed of a WR and a
BH of equal mass (M).

Figure 1. Timescales as a function of separation for binaries
composed of a WR and a BH of equal mass. Two examples are
shown M = 10 M� and M = 30 M�.

3 SIMPLE EXPECTATIONS

In this section we will describe some of the consequences of
the simple formulae described above.

Timescales: There are two important distance scales in the
problem. The first one, dmerge, will be defined as the distance
that corresponds to a merger time equal to a Hubble time
tH , ie. tmerge ⇠ 10

10 yrs. For separations larger than this, the
binary does not have enough time to merge in the lifetime
of the universe. The other important distance, dt , will be
defined as the distance that corresponds to tt ⇠ tWR (the
Wolf-Rayet lifetime), inside of which torques are important
and synchronize the binary and outside of which torques are
irrelevant.

There are two points to note: first although dt < dmerge

they are of comparable magnitude. We give some represen-
tative numbers in Table 1 for systems of di↵erent masses.
The second point, evident in Figure 1 is that both tmerge

and tt are very strong functions of separation (tmerge µ d4

and tt µ d17/2). In particular this implies that the transition
between tt << tWR and tt >> tWR occurs over a very small
range of separations. Furthermore, because of the steep de-
pendence, the fact that the locations where tidal torques are
important is comparable to the distance required for the bi-
nary to merge in a Hubble time is relatively insensitive to
the details.

Possible separations Let us assume that the distance be-
tween the WR star and the BH is set by the details of late-
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timate for the angular momentum of the secondary BH. In
what follows we will ignore corrections due to mass and an-
gular momentum loss during the explosion that result in the
formation of the BH. These are expected to be small.

The angular momentum evolution of the WR star is de-
termined by two competing process. Stellar winds decrease
the angular momentum of the star while torque applied to
the star by the primary BH increases the angular momen-
tum, driving it towards synchronization. We now investigate
the impact of each of these processes on the total angular
momentum evolution.

For an initial orbital semi major axis, d, we can nor-
malize the dimensionless spin of the star, a, to the orbital
angular velocity, w =
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where r2

g is the (dimensionless) radius of gyration of the star

related to the moment of inertia by I = r2

gR2M and W is
the angular spin velocity of the star. For synchronization
between the stellar spin and the orbit (W = w), we define
a = async.

The torque (t) applied to a star in a binary system was
first calculated by Zahn (1975). We use the expression for
the torque described in Kushnir (2016b) which leads to a
simple dynamical equation for the spin:
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We have introduced the merger time due to gravitational
wave emission, t
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which depends in a simple way on
the initial orbital properties and component masses (Peters
1964):
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5

512

c5

G3M3

2q2

1+q
d4. (5)

It is important to note that tt is a very strong function of
distance, tt µ d17/2.

Competing against the tidal torque is the loss of an-
gular momentum resulting from mass-loss. Mass-loss from
WR stars is complicated theoretically and observationally,
thus the estimated rates are highly uncertain. As in Kushnir
(2016b) we incorporate this e↵ect by modifying the equation
of a as:
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only valid for a < async. We will take twind in the range 10
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6 yrs to be a reasonable estimate but we note that our
conclusions are robust to this choice. We will integrate this
equation until the end of the life of the WR star, which we
take to be tWR ⇡ 3⇥10
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10 yrs (dmerge) for binaries composed of a WR and a
BH of equal mass (M).

Figure 1. Timescales as a function of separation for binaries
composed of a WR and a BH of equal mass. Two examples are
shown M = 10 M� and M = 30 M�.

3 SIMPLE EXPECTATIONS

In this section we will describe some of the consequences of
the simple formulae described above.

Timescales: There are two important distance scales in the
problem. The first one, dmerge, will be defined as the distance
that corresponds to a merger time equal to a Hubble time
tH , ie. tmerge ⇠ 10

10 yrs. For separations larger than this, the
binary does not have enough time to merge in the lifetime
of the universe. The other important distance, dt , will be
defined as the distance that corresponds to tt ⇠ tWR (the
Wolf-Rayet lifetime), inside of which torques are important
and synchronize the binary and outside of which torques are
irrelevant.

There are two points to note: first although dt < dmerge

they are of comparable magnitude. We give some represen-
tative numbers in Table 1 for systems of di↵erent masses.
The second point, evident in Figure 1 is that both tmerge

and tt are very strong functions of separation (tmerge µ d4

and tt µ d17/2). In particular this implies that the transition
between tt << tWR and tt >> tWR occurs over a very small
range of separations. Furthermore, because of the steep de-
pendence, the fact that the locations where tidal torques are
important is comparable to the distance required for the bi-
nary to merge in a Hubble time is relatively insensitive to
the details.

Possible separations Let us assume that the distance be-
tween the WR star and the BH is set by the details of late-
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Core-collapse supernovae physics 



The progenitors are massive stars 
SN2008bk - Red Super Giant, M=8.5±1 Msun 

pre-explosion 

Mattila et al. (2008) 



The progenitors are massive stars 
SN2008bk - Red Super Giant, M=8.5±1 Msun 

pre-explosion explosion 

Mattila et al. (2008) 



The explosion is triggered by core-collapse 
SN1987A: ~1053 erg ~ 0.1×GeV/mp×Msun released as neutrinos  
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The energy scale of the ejecta is thermonuclear 
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Basic parameters 
§  Kinetic energy of the ejecta : 1050 -1052 erg 

§  Ejected 56Ni mass:  10-3 -1 M¤ 



The main challenge - 

Why collapse leads to an explosion? 



§  if 1% of their energy is deposited in 
ejecta ⇒ 1051 erg 

Popular model - neutrinos  
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§  Bounce shock stalls and accretes mass, 
ν emission heats downstream and 
revives the shock. 
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§  if 1% of their energy is deposited in 
ejecta ⇒ 1051 erg 

§  Bounce shock stalls and accretes mass, 
ν emission heats downstream and 
revives the shock. 

§  Problem: Fails in 1D calculations. 

§  Maybe multi-D effects? 

§  So far, in 3D simulations the neutrinos 
either failed to explode the star or 
produce weak (<1050 erg) explosions. 

Popular model - neutrinos  
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Thermonuclear explosion of B2FH 
§  The collapsing outer shells (He,C,O) are thermonuclear explosives. 

§  Collapsing rotating star launches an accretion shock that cam ignite 
the explosive.  

§  1742 citations. 

§  Only 3 follow-up works: (Colgate & White 66, Woosley & Weaver 
82, Bodenheimer & Woosley 83) conclude the scenario fails. 

§  But in fact… 
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§  Kinetic energy of the ejecta ~1.3⋅1051 erg 

§  Ejected 56Ni mass:  ~0.08 M¤ 

Possible! 
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For some CCSNe the massive star 
progenitors were observed 

SN2008bk - Red Super Giant, log10(L/L¤)=4.8±0.2 
pre-explosion explosion 

Mattila et al. (2008) 
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stronger explosions 

§  In agreement with thermonuclear explosions 

§  In a possible disagreement with the ν-mechanism 



The remnant mass 

§  NSs only for weak (<1051 erg) explosions. Strong (>1051 erg)  
explosions leave BH remnants.  

§  Predicts a BH for SN1987A. 
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Type Ibc are stronger and eject more 56Ni 
§  Disfavors the same initial mass range for II-P 

§  CITE predicts that massive WR stars yield strong explosions with 
low ejecta mass and BH remnants 
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Conclusions 
§  IC 10 X-1 and similar systems should be a prime target for future 

studies  

§  The simplest version of the field binary scenario has a simple and 

testable prediction in the near future 

§  Massive WR stars yield type Ibc supernovae and BH remnants 
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Conclusions 
§  CC SNe may be thermonuclear explosions. 

§  Requires rotating He-O shells. 

§  Straight forward problem, solved from first principles. 

§  Preliminary agreement of  kinetic energy - 56Ni mass. 

§  Predicts that more massive progenitors lead to stronger explosions, 
in agreement with observations. 

§  Preliminary prediction: NS only for weak explosions, otherwise BH. 
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The ν signal from SN 1987A 
§  A luminosity drop at ~2 sec? 

Blum & DK (2016) 
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The ν signal from SN 1987A 
Thermonuclear ν-mechanism

PNS 
accretion 

PNS 
accretion 

cooling NS rotation-
induced 

accretion 
shock 

BH forms 

§  PNS accretion for ~2 s until BH formation + rotation induced 
accretion shock at ~2.5 s favored by the data. 

§  A possible smoking gun for a thermonuclear explosion. 
Blum & DK (2016) 



Maybe multi-D effects? 
§  So far, in 3D simulations the neutrinos either failed to explode the 
star or produce weak (<1050 erg) explosions. 

§  Unreliable numerics 

contributions because of the delay in the neutrino burst and
the propagation time to the surface of the computational
domain at 104 km radius. The thick solid line represents the
evolution of the total energy in our simulation. It is very
accurately conserved during the core collapse phase. It shows a
perturbation of order 5! 1049 ergs in the most dynamic phase
around bounce when the grid points rush to the center to resolve
the shock front. It systematically increases afterward and
reaches the order of an explosion energy at the end of the
simulation when the neutron star collapses to a black hole. We
further investigate this energy violation in the next two figures.

We would obtain energy conservation to machine precision
if we could enforce perfect cancellation in the six chains dis-
cussed after equation (37), i.e., ðD4

aO
1
EÞ, ðD12

! O34
E Þ, ðO2

EO
2
!Þ,

ðO56
E O34

! Þ, ðC2
t D

34
! D2

EÞ, and ðC4
t D

2
aD

1
EO

1
!Þ$4"r2ð1þ eþ p=#ÞH .

The hydrodynamics scheme is designed to absorb the energy
exchange by the collision integral to machine precision and
conserve energy perfectly, even on the adaptive grid. By
selecting only the positive contributions in the canceling terms
we obtain a measure of the importance for an accurate can-
cellation. After an integration over the computational domain,
Figure 18 illustrates this measure for the six above-mentioned
expressions with a thick dashed line, a thick solid line, a dash-
dotted line, a dotted line, a thin dashed line, and a thin solid line,
respectively. After bounce, the maximum individual contribu-
tion to the energy conservation equation in equation (27)
reaches a typical level of 5! 1052 ergs s$1. Figure 18 makes
immediately evident that maintaining accurate energy con-
servation is more challenging after bounce than before
bounce. Moreover, we note that the Oðv=cÞ terms ðD4

aO
1
EÞ

and ðD12
! O34

E Þ are much larger than the higher order terms
ðO2

EO
2
!Þ and ðO56

E O34
! Þ.

Nevertheless, these terms are perfectly matched in our
implementation. Violation of energy conservation therefore
stems from the terms ðC2

t D
34
! D2

EÞ (the matching is tuned for an
isotropic neutrino distribution) and ðC4

t D
2
aD

1
EO

1
!Þ $ 4"rð1þ

eþ p=#ÞH (the matching is based on an energy flux
averaging) as discussed in the context of equations (68) and
(84), respectively. In x 3.2 we have discussed energy conser-
vation violations by the adaptive grid corrections when they
are applied to the radiation quantities. Where do they enter
the conservation check? If we evaluate equation (27) on the
adaptive grid according to the recipe in equation (44), we note
that the integration of the energy over the whole star reduces
the adaptive grid corrections to surface terms. These surface
terms vanish because the grid velocity is zero at the center and
the surface of the star. If we compare with the more detailed
equation (37) we find that this time derivative corresponds
exactly to the term C1

t þ C3
t . The energy violations by the

adaptive grid show only up in the terms C2
t and C4

t . If these
terms are evaluated with all the grid corrections in the time
evolution of !, u, J , and H , they will numerically differ from
the terms C2

t and C4
t we have used in equations (69) and (84)

for the approximate matching. We check the influence of the
adaptive grid corrections by a comparison with a run using a
pure Lagrangian grid, where no adaptive grid corrections can
compromise energy conservation. However, in order to get
enough resolution in the run with the fixed grid, we had to run
with 400 spatial zones instead of the 103 we used with the
adaptive grid. This run is extremely slow. On the one hand, the
solution vector is 4 times larger. But much more important is
that every single zone has to change its value from the
preshock conditions to the postshock conditions within the
allowed 1% change per step. This requires an almost 10 times

Fig. 17.—Different components of the energy budget are shown. The internal energy of the fluid is represented with a thin solid line in the upper half of the figure.
We set the free constant in the internal energy such that we start with zero total energy (thick solid line). Most of the internal energy is balanced by the gravitational
energy (thin solid line in the lower half of the figure). We show also the kinetic energy of the fluid (thin dashed line) and the surface work exerted at the border of the
computational domain (dotted line). The dash-dotted line represents the energy of the neutrinos in the computational domain, and the dashed thick line represents the
accumulated energy of the escaped neutrinos. The total energy is nicely conserved during core collapse and exhibits a systematic increase of order 10% of an
explosion energy during the crucial phase around 100 ms after bounce. [See the electronic edition of the Journal for a color version of this figure.]
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Liebendorfer et al. (1987) 
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Scan allowed parameters 
§  Non-free 

§  Iron core on verge of collapse 

§  Hydrostatic equilibrium 

§  Stable for convection 

§  Slow burning 

§  Free 

§  Mass of He-O shell 

§  Mass of O core 

§  He/O ratio 

§  Rotation 
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Preliminary scan 

§  A robust process. 

§  Reproduces ranges of kinetic energies and 56Ni masses, and the 
gross correlation. 
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A common mechanism for all CCSNe 
§  Predicted for CITE  

§  Unlikely for the ν-mechanism: 

Ø   1052 erg too high 

Ø   1050 erg requires 10-3 tuning (1.1% of ν energy) 

§  Different mechanism (ECSN) for 1050 erg is not supported by the data. 

Spiro et al. (2014) 


